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Cosmic Messengers

Photon

Neutrino

Proton

Gravitational wave



• Core-collapse supernovae


• Supernova mechanism and energetics


• Neutrino flavor conversion


• Diffuse supernova neutrino background


• Neutron star mergers 


• Neutrinos and nucleosynthesis

Lecture 1: 

Core-Collapse Supernovae 


and Compact Binary Mergers

Intended Learning Objectives 



Vitagliano, Tamborra, Raffelt, Rev. Mod. Phys. (2020). 
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Solar Neutrinos

Solar neutrinos     Test Standard Solar Model.

Discovery of neutrino oscillations. 



Core Collapse Supernovae



Figure credits: Natural History Museum, London

Why Do We Care?

• Elements essential to our life.


• Laboratory to investigate extreme physics.
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Figure credits: I. Tamborra, arXiv: 2110.10074.



A young star fuses hydrogen into helium (keeps burning until it runs out of hydrogen).

Pressure (from energy produced in 

the core from nuclear fusion) 

                   = Gravity

Hydrostatic equilibrium

Hydrogen 
burning core

Stellar envelope

Lifecycle of a Massive Star



Lifecycle of a Massive Star
When the star exhausts hydrogen, the core drops its pressure. Gravity compresses the core 
and the latter heats up. Helium burning starts. It continues for all elements up to iron.



When iron is formed, no more temperature raising occurs, no more counter pressure. 

Core collapses by gravitation and an explosion occurs. Core-collapse supernova.

Lifecycle of a Massive Star

What prevents stellar burning to proceed indefinitely? 

Iron does not release energy since it has the highest binding energy.



Timescales

Figure credits: https://astronomy.swin.edu.au/cosmos/c/core-collapse



type Ia supernovae. If it were not for radioactive heating, adiabatic
expansion of the debris would cool it to near invisibility in less than
an hour. Type Ia supernovae are about ten times less prevalent than
core-collapse supernovae, but yield about ten times as much iron,
are often more than ten times brighter at peak light, and are
spectacular sources of nuclear g-ray lines and continuum8. It is
with these bright supernovae that observers are now obtaining the
best and, perhaps, the most provocative information about the
geometry of the Universe.
Astronomers use observational, not theoretical, criteria to type

supernovae. A type I supernova (such as a type Ia) is one with no
hydrogen in its spectrum, while the spectrum of a type II supernova
has prominent hydrogen lines. The epochal supernova in the Large
Magellanic Cloud (LMC), SN1987A, was a core-collapse supernova,
because it exploded as a!15–20M! blue supergiant with a radius of
!4 ! 107 km (ref. 9) and not as the canonical red supergiant with a

radius of !109 km; however, it was dimmer than a typical type II
and early relied on 56Ni to power its muted optical light curve. Yet
there is no reason to suspect that the explosion itself was not of the
common core-collapse variety. The light curve and spectrum of a
supernova reflect more its progenitor’s radius, chemical makeup,
and expansion velocities than the mechanism by which it exploded.
To the theorist, the achievement of the critical Chandrasekhar mass
unites the types; the supernovamechanism is either by implosion to
nuclear densities and subsequent hydrodynamic ejection, or by
thermonuclear runaway and explosive incineration.
There is approximately one supernova explosion in the Universe

every second. In our galaxy, there is one supernova every !30–50
years and one type Ia supernova every !300 years. Supernova
hunters, peering deeply with only modest-aperture telescopes, can
now capture a dozen or so extragalactic supernovae per night,
mostly the bright type Ias. Approximately 200 supernova remnant
shells are known in the Milky Way and these are radio, optical, and
X-ray echoes of only the most recent galactic supernova explosions.
Within the last millennium, humans have witnessed and recorded
six supernovae in our galaxy (Table 1).

Supernovae from massive stars
A star’s first thermonuclear stage is the fusion of hydrogen into
helium in its hot core. With the exhaustion of core hydrogen, most
stars then proceed to shell hydrogen burning, and then to core
helium burning. The ashes of the latter are predominantly carbon
and oxygen and low-mass stars do not proceed beyond this stage.
However, stars with masses from !8M! to !60–100M! (the upper
limit depending upon the heavy-element fraction at birth) proceed
to carbon burning, with mostly oxygen, neon, and magnesium as
ashes1,2. For stars more massive than !9–10M!, the ashes of carbon
burning achieve sufficient temperatures to ignite and they burn
predominantly to silicon, sulphur, calcium, and argon. Finally, these
products ignite to produce iron and its congener isotopes near the
peak of the nuclear binding energy curve. Fusion is exothermic only
for the assembly of lighter elements into elements up to the iron
group, not beyond. Hence, at the end of a massive star’s thermo-
nuclear life, it has an ‘onion-skin’ structure in which an iron or
oxygen–neon–magnesium core is nested within shells comprised of
elements of progressively lower atomic weight at progressively
lower densities and temperatures. The outer zone consists of
unburned hydrogen and ‘primordial’ helium. A typical nesting is
Fe → Si → O → He → H. The oxygen in the ‘oxygen’ zone is the
major source of oxygen in the Universe, for little oxygen survives in
the ejecta of the rarer type Ia supernovae. These shells are not pure,
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Figure 1 The sequence of events in the collapse of a stellar core to a nascent neutron star.
It begins with a massive star with an ‘onion-skin’ structure, goes through white-dwarf core
implosion, to core bounce and shock-wave formation, to the protoneutron-star stage
before explosion, and finally to the cooling and isolated-neutron-star stage after
explosion. This figure is not to scale. The wavy arrows depict escaping neutrinos and the
straight arrows depict mass motion.

Table 1 Supernovae that have exploded in our Galaxy and the Large
Magellanic Cloud within the last millennium

Supernova Year (AD) Distance (kpc) Peak visual magnitude
.............................................................................................................................................................................
SN1006 1006 2.0 −9.0
Crab 1054 2.2 −4.0
SN1181 1181 8.0 ?
RX J0852-4642 !1300 !0.2 ?
Tycho 1572 7.0 −4.0
Kepler 1604 10.0 −3.0
Cas A !1680 3.4 !6.0?
SN1987A 1987 50 " 5 3.0
.............................................................................................................................................................................
These ‘historical’ supernovae are only a fraction of the total, because the majority were shrouded
from view by the dust that pervades the Milky Way. Thus, it is estimated that this historical cohort
represents only about 20% of the galactic supernovae that exploded since AD1000. Included are
SN1987A, which exploded not in the Milky Way but in the Large Magellanic Cloud (one of its
nearby satellite galaxies), RX J0852-4642 (ref. 77, ref. 11), a supernova remnant whose recent
(!AD1300) and very nearby birth went unrecorded, perhaps because it resides in the Southern
Hemisphere (but in fact for reasons that are as yet unknown), and Cas A, a supernova remnant that
was born in historical times, but whose fiery birth was accompanied by a muted visual display that
may have been recorded only in the ambiguous notes of the seventeenth-century astronomer John
Flamsteed (ref. 78). The distances and peak visual magnitudes quoted are guesses at best, except
for SN1987A. Astronomical magnitudes are logarithmic and are given by the formula MV ¼
#2:5log10ðbrightnessÞ þ constant. Hence, every factor of ten increase in brightness represents a
decrease in magnitude by 2.5. For comparison, the Moon is near −12magnitudes, Venus at peak is
−4.4 magnitudes, and good eyes can see down to about +6 magnitudes.

© 2000 Macmillan Magazines Ltd
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Figure credit: A. Burrows, Nature (2000).

Final Stages of Stellar Collapse



Energetics

kinetic explosion energy

Gravitational binding energy

99% neutrinos

Eb ' 3⇥ 1053 erg ' 17% Msunc
2

L⌫ ' 3⇥ 1053 erg

3 s
' 3⇥ 1019Lsun

photons

Nucleon mean kinetic energy

10 CAPITOLO 2. SUPERNOVAE CON COLLASSO DEL NUCLEO

Si ha, pertanto, un breve ma intenso flusso di neutrini di energia totale
pari a 1051 erg.

• Fase 5: stagnazione dell’onda d’urto e formazione della proto-stella di
neutroni (immagine in basso a sinistra). L’onda d’urto perde vigore e
ha luogo una fase di accrescimento (⇠ 300 ms). Al centro della stella
che sta collassando si crea una proto-stella di neutroni (proto-neutron
star, PSN). La proto-stella diventerà una stella di neutroni o un buco
nero a seconda che la sua massa sia minore o maggiore di 25 M�. La
proto-stella è ricca di protoni, elettroni degeneri e neutrini. Questi
ultimi, durante la fase di ra↵reddamento del nucleo della proto-stella,
di↵ondono liberamente abbandonando la neutrino-sfera (R⌫ ⇠ 50 km) e
trasportando il 99% dell’energia rilasciata nel collasso della stella. Parte
di tale energia è depositata negli strati tra la proto-stella ed il fronte
dell’onda d’urto che ha perso energia, attraverso le reazioni n⌫e ! e�p e
p⌫̄e ! e+n. Questo consentirebbe all’onda d’urto di rigenerarsi secondo
quanto previsto dallo scenario di esplosione ritardata [13], confermato
dall’analisi condotta da Loredo e Lamb [14].

• Fase 6: rigenerazione dell’onda d’urto (immagine in basso a destra).
Gli strati riscaldati iniziano ad espandere creando tra il fronte dell’onda
d’urto e la superficie della stella di neutroni una regione a bassa den-
sità e ad alta temperatura, denominata bolla calda. La crescita della
pressione in questa zona permette all’onda d’urto di riacquistare vigore
dando luogo all’esplosione. Il raggio della neutrino-sfera decresce fino
a R⌫ ⇠ 10 km.

Si intende, ora, dare una stima approssimativa del numero di neutrini
prodotti durante l’esplosione. L’energia cinetica media hEki di un nucleone,
di massa mN , sulla superficie di una stella di neutroni, è:

hEki '
1

2

GNMnsmN

Rns

' 25 MeV , (2.1)

ove con GN è indicata la costante di gravitazione universale, Rns ' 15 km
è il raggio della stella di neutroni (neutron star, ns) e Mns ' 1.4 M� è la
massa della stella di neutroni.

Poiché densità e temperatura sono tali da portare, approssimativamente,
i neutrini all’equilibrio termico entro alcuni secondi, per la legge di equipar-
tizione dell’energia ci si aspetta:

T⌫ '
2

3
hEki . (2.2)

with                         and                      .Rns ' 15 kmMns ' 1.4 M�

Energy equipartition
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Gravitational energy released during neutron star collapse (Gauss theorem) 

2.2. MODELLO DI RIFERIMENTO 11

Applicando il teorema di Gauss, si dimostra che l’energia gravitazionale
rilasciata durante il collasso di una stella di neutroni è [15]:

Eg ⇡
3

5

GNM2
ns

Rns

= 1.7⇥ 1059 MeV . (2.3)

Poiché solo l’1% di Eg si trova sotto forma di energia cinetica legata all’e-
splosione, i neutrini complessivamente generati durante l’esplosione sono in
numero circa pari a Eg/T⌫ ⇠ 1058.

2.2 Modello di riferimento

In questo paragrafo si descrivono gli spettri di energia dei neutrini, il modello
a bulbo per l’emissione di neutrini da una supernova ed il profilo di densità di
materia cui i neutrini sono soggetti entro una supernova. Fra le varie scelte
possibili, si identifica un modello di riferimento per poter e↵ettuare calcoli
numerici ed analitici.

2.2.1 Spettri di energia dei neutrini

I valori specifici delle energie medie dei neutrini, cos̀ı come la luminosità L⌫

(energia emessa per unità di tempo), sono dipendenti dal particolare modello
impiegato. In generale, ⌫µ, ⌫⌧ e i rispettivi antineutrini, avendo solo intera-
zioni da correnti neutre, hanno energie medie più grandi rispetto a quelle
dei neutrini elettronici, mentre ⌫e e ⌫̄e hanno anche interazioni con correnti
cariche del tipo: ⌫en ! pe� e ⌫̄ep ! ne+. Inoltre, dopo la neutronizzazione,
l’atmosfera della proto-stella di neutroni è ricca di neutroni, e i ⌫e interagi-
scono più frequentemente degli ⌫̄e. Questi ultimi, quindi, sono tipicamente
più energetici [16]. Le energie medie sono ordinate come segue:

hE⌫ei < hE⌫̄ei < hE⌫µ,⌧ , ⌫̄µ,⌧ i . (2.4)

Le simulazioni riportate in letteratura mostrano che, durante le fasi di ac-
crescimento e ra↵reddamento, l’emissione di neutrini è caratterizzata da
un’approssimata equipartizione delle luminosità. Nel seguito si assumerà
L⌫ = 1051 erg/s per tutte le specie di neutrini, con la seguente gerarchia
delle energie medie [17]:

hE⌫ei ' 10� 12 MeV , hE⌫̄ei ' 14� 17 MeV , hE⌫µ,⌧ , ⌫̄µ,⌧ i ' 24� 27 MeV .
(2.5)
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più energetici [16]. Le energie medie sono ordinate come segue:

hE⌫ei < hE⌫̄ei < hE⌫µ,⌧ , ⌫̄µ,⌧ i . (2.4)

Le simulazioni riportate in letteratura mostrano che, durante le fasi di ac-
crescimento e ra↵reddamento, l’emissione di neutrini è caratterizzata da
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1% of      goes into kinetic explosion energy. Therefore, the expected number of neutrinos is Eg



Figure credits: National Science Foundation

The energy released during a supernova explosion (within a 
few seconds) is equivalent to the energy radiated by the sun 
during its entire lifetime.



If the Sun were a supernova, aliens on Mars would be incinerated by 
neutrino radiation! 



SN 1987A
SN 1987A occurred in the Large Magellanic Cloud (50 kpc). 

SN 1987A (Feb. 23, 1987)Sanduleak -69° 202

First and only supernova observed in neutrinos. 

First verification of stellar evolution mechanism.

Figure credit: Anglo-Australian Observatory.



SN 1987A
A few detectors were able to detect SN 1987A neutrinos. 

Figure credit: G. Raffelt.



The Next Supernova (SN 2XXXA)

Figure from Nakamura et al., MNRAS (2016). 
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17M� progenitor. The solid lines are direct or indirect results of our CCSN simulation, whereas the dashed lines are from literatures or
rough speculations. The left (right) panel x-axis shows time before (after) core bounce. Emissions of pre-CCSN neutrinos as well as the
core-collapse neutrino burst are shown as labeled. For the EM signal, the optical output of the progenitor, the SBO emission, the optical
plateau, and the decay tail are shown as labeled. The GW luminosity is highly fluctuating during our simulation and the blue shaded
area presents the region between the two straight lines fitting the high and low peaks during 3 – 5 seconds postbounce. The hight of
the curves does not reflect the energy output in each messenger; total energy emitted after bounce in the form of anti-electron neutrino,
photons, and GW is ⇠ 6⇥ 1052 erg, ⇠ 4⇥ 1049 erg, and ⇠ 7⇥ 1046 erg, respectively. See the text for details.

cannot resolve individual neutrino events. Smaller detectors
with sensitivity to CCSN neutrinos include, e.g., Baksan,
Borexino, DayaBay, HALO, KamLAND, LVD, MiniBooNE,
and NO⌫A (for their detection potentials, see, e.g., recent
review Mirizzi et al. 2015). In the near-future, the Jiang-
men Underground Neutrino Observatory (JUNO, Li 2014)
will augment Super-K and IceCube, and with future ex-
periments such as Hyper-Kamiokande (Hyper-K, Abe et al.
2011) and Deep Underground Neutrino Experiment (DUNE,
Acciarri et al. 2015), neutrino event statistics and neutrino
flavor information will be dramatically improved. GW de-
tectors such as Advanced LIGO (aLIGO), Advanced Virgo
(adVirgo), and KAGRA are expected to be able to detect
CCSN GW out to a few kpc from the Earth, while future
detectors such as the Einstein Telescope (ET) can reach the
entire Milky Way.

In order to exploit these potentials, a multi-messenger
observing strategy is necessary. In this context, the neutrino
signal is particularly important. The neutrino emission in
fact starts before the core collapse even begins. Neutrinos
emitted during the final states of silicon burning can reach
⇠ 5⇥ 1050 erg for a massive star (Arnett et al. 1989), which
can be detected by Hyper-K out to a few kpc away (Odrzy-
wolek et al. 2004), thereby providing an early warning signal.
During the first ⇠ 10 seconds after the core collapse, a co-
pious ⇠ 3 ⇥ 1053 erg of energy is emitted as neutrinos as
was confirmed in SN 1987A (Hirata et al. 1987; Bionta et al.
1987; Sato & Suzuki 1987).

In addition to signaling unambiguously the occurrence
of a nearby core collapse, the detected neutrinos will point
to the location of the core collapse within an error circle
of a few to ten degrees in the sky (Beacom & Vogel 1999;
Tomas et al. 2003; Bueno et al. 2003). This pointing infor-
mation is particularly important for electromagnetic signals,
which remain a crucial component of studies of CCSNe in
the Milky Way and nearby galaxies. A few hours to days
after the core collapse, the supernova shock breaks out of
the progenitor surface, suddenly releasing the photons be-
hind the shock in a flash bright in UV and X-rays, known as
shock breakout (SBO) emission (Matzner & McKee 1999;
Blinnikov et al. 2000; Tominaga et al. 2009; Gezari et al.
2010; Kistler et al. 2013). Although the SBO signal pro-
vides important information about the CCSN, such as the
radius of the progenitor, detection is di�cult because of its
short duration. Knowing where to anticipate the signal will
dramatically improve its detection prospects. In addition to
the SBO, more traditional studies of CCSN properties (e.g,
energy, composition, velocity) and its progenitor are impor-
tant diagnostics of a CCSN, and a well-observed early light
curve is important for accurate reconstruction of the CCSN
evolution (e.g., Tominaga et al. 2011).

Already, various aspects of multi-messenger physics of
Galactic and nearby CCSNe have been investigated. For ex-
ample, signal predictions of neutrino and GW messengers
have been investigated by many authors. In particular, the
first ⇠ 500 milliseconds following core collapse is thought to

MNRAS 000, 1–21 (2016)



Detection Frontiers

Supernova in our Galaxy (one burst per 40 years). 

 

Excellent sensitivity to details. 

Supernova in nearby Galaxies (one burst per year).


Sensitivity to general properties. 

International Neutrino Summer School, Fermilab, July 2009John Beacom, The Ohio State University

Supernova Neutrino Detection Frontiers

Milky Way
zero or at most one supernova
excellent sensitivity to details
   one burst per ~ 40 years

Nearby Galaxies
one identified supernova at a time
direction known from astronomers
   one “burst” per ~ 1 year

Diffuse Supernova Neutrino Background
average supernova neutrino emission
no timing or direction
   (faint) signal is always there!

Diffuse Supernova Background 

(one supernova per second).

 

Average supernova emission. Guaranteed signal.

Georg Raffelt, MPI Physics, Munich ISAPP 2011, 4/8/11, Varenna, Italy 

Diffuse Supernova Neutrino Background (DSNB) 

Beacom & Vagins,   
PRL 93:171101,2004  



• Neutrino luminosity is 100 times the optical luminosity.


• Neutrino signal emerges from the core promptly. 

   Photons may take hours to days to emerge from the stellar envelope.


• Supernovae would not explode without neutrinos. 

  

• Neutrinos provide information inaccessible to other kinds of astronomy.


• An optical supernova display may be never seen for a given core collapse. 

Why Neutrinos

from Core-Collapse Supernovae?



Neutrino Signal

Figure: 1D spherically symmetric SN simulation (M=27 M    ), Garching group. sun
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Figure 4-1: Three phases of neutrino emission from a core-collapse SN, from left to right: (1) Infall,
bounce and initial shock-wave propagation, including prompt νe burst. (2) Accretion phase with
significant flavor differences of fluxes and spectra and time variations of the signal. (3) Cooling of
the newly formed neutron star, only small flavor differences between fluxes and spectra. (Based on a
spherically symmetric Garching model with explosion triggered by hand during 0.5–0.6 ms [168,169].
See text for details.) We show the flavor-dependent luminosities and average energies as well as
the IBD rate in JUNO assuming either no flavor conversion (curves ν̄e) or complete flavor swap
(curves ν̄x). The elastic proton (electron) scattering rate uses all six species and assumes a detection
threshold of 0.2 MeV of visible proton (electron) recoil energy. For the electron scattering, two
extreme cases of no flavor conversion (curves no osc.) and flavor conversion with a normal neutrino
mass ordering (curves NH) are presented.
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failed supernovae with black hole formation.

• WHERE astronomers should look. For a Milky Way
core-collapse, the Super–Kamiokande detector will be
able to exploit the directionality in neutrino-electron
scattering to restrict the source direction to within a few
degrees. This will greatly improve the chances of suc-
cessful electromagnetic searches on short timescales.
In principle, this information could be distributed in
less than a minute. This directionality will only be valu-
able if there is a means to quickly exploit it with wide-
field instruments to first narrow the search region and
then quickly follow up with more powerful instruments.

Optical/near-IR observations will remain a crucial compo-
nent of studies of Galactic SNe. This includes traditional uses
such as characterizing the external explosion (energy, mass,
composition, velocity; e.g., Hamuy 2003) and the properties
of the progenitor (e.g., Smartt 2009), but also new probes (see
Fig. 1), such as progenitor variability (e.g., Szczygieł et al.
2012), precursor eruptions (e.g., Pastorello et al. 2007; Ofek
et al. 2013; Mauerhan et al. 2013), and constraining the exis-
tence of failed SNe (Kochanek et al. 2008). Now that large
neutrino detection experiments are running, the next Galac-
tic ccSNe will also provide an unprecedented opportunity to
measure the delay time between neutrino detection and shock
breakout, which would probe the density structure of the pro-
genitor (Kistler et al. 2012). All these applications depend
critically on the optical/near-IR observability of the SNe and
its progenitor given our position near the midplane of a dust-
filled disk galaxy.

Aspects of this problem have been discussed previously.
van den Bergh (1975) presents predictions of the V-band ob-
servability of the next Galactic SNe assuming the Galaxy was
a uniform disk with uniform absorption and a uniform inci-
dence of SNe and further discusses the prospects of distance
determination. Tammann et al. (1994) use a similar exercise
to infer the Galactic SN rate; their model consists of thin disk,
thick disk, and halo components as well as a dust distribution,
but no further details are given.

Given the improvement in models of the Galactic dust dis-
tribution, it is worth revisiting the estimates of van den Bergh
(1975) and Tammann et al. (1994). We model the SNe dis-
tribution with a double-exponential disk model using modern
estimates of the scale lengths and heights for each population,
and model the extinction with a similar double-exponential
distribution normalized to the line of sight extinction of mod-
ern dust maps. We present results for both V-band and near-IR
observability. We also fold in the observed luminosity func-
tions of SNe and estimate the probability of identifying the
SNe progenitor in archival data.

We separately consider SNe Ia and ccSNe, since they
should have differing spatial distributions, and use our mod-
eled SN observability to infer a Galactic supernova rate. We
also predict the observability of the shock breakout and failed
supernovae. Finally we review the neutrino detection process
and discuss how near real-time neutrino alerts could be pro-
vided. In §2 we define our models. We discuss the electro-
magnetic observability results in §3, neutrino detection in §4,
and present our conclusions in §5. Two appendices outline
observational systems to detect Galactic SBO emission even
in daytime and for observing extragalactic SBO events within
the Local Volume. Throughout the paper we use the Vega
magnitude system.

FIG. 1.— Schematic time sequence for the stages of a ccSN. The scaling
of the time axis varies to display vastly different timescales. The top panel
shows the combined bolometric electromagnetic and neutrino luminosities,
while the bottom panel displays the typical V-band magnitudes. The progen-
itor phase refers to the pre-core collapse star. With the ignition of carbon
and later stages of nuclear burning the progenitor may experience episodes
of high variability in the millennia, years, or days before the core-collapse,
where the maximum and minimum luminosities and magnitudes for these
precursor events are from SN 2010mc (Ofek et al. 2013) and SN2011dh
(Szczygieł et al. 2012). The core-collapse releases ⇠ 104 times more energy
in neutrinos in ⇠ 10 seconds than is released in the electromagnetic signal of
the supernova over its entire duration. The progenitor luminosity and post-
shock breakout light curve are from SN1987A and its likely progenitor, SK
-69d 202 (Arnett et al. 1989; Suntzeff & Bouchet 1990), and the error bar on
the peak of the MV light curve represents the full range of peak magnitudes
observed by Li et al. (2011b).

2. MODELS
The basis of our model is a Monte Carlo simulation of the

positions of Galactic SNe and their corresponding dust extinc-
tions. We model the progenitor and dust distributions using
the double-exponential spatial distribution

⇢ = Ae-R/Rd e-|z|/H (1)

where R is the Galactocentric radius and z is the height above
the Galactic mid-plane. We must define A, Rd , and H for the
dust distribution, the core-collapse supernova (ccSN) progen-
itors, and the Type Ia (SN Ia) distribution. We outline our
approach for each of these cases in the following subsections.
For these models we use several of the same input parameters
as TRILEGAL (TRIdimensional modeL of thE GALaxy), a
population synthesis code for simulating stellar populations
along any direction through the Galaxy (Girardi et al. 2005).
The Sun is placed H� = 24 pc above the mid-plane of the disk
at a Galactocentric radius of R� = 8.7 kpc. The Galactic thin

Neutrinos & Electromagnetic Radiation

Neutrinos could allow early EM 
detection of SN signal.

Image credit: Adams et al., ApJ (2013).



Supernova Early Warning System

SuperNova Early Warning System (SNEWS 2.0)

 Shock breakout arrives mins to hours after neutrino signal.

Concidence Sever (@ BNL)

E-mail alert
ATel alerts, LIGO, GCN

Al Kharusi et al., New J.Phys. (2021). SNEWS: http://snews.bnl.gov

http://snews.bnl.gov


Supernova Explosion Mechanism
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Stalled shock 
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start reexpansion 
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pressure of 
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Shock wave 

Proto-neutron star Neutron star

Shock wave

★ Shock wave forms within the iron core. 
It dissipates energy dissociating iron layer.


★ Neutrinos provide energy to stalled 
shock wave to start re-expansion. 

(Delayed Neutrino-Driven Explosion)

★ Convection and shock oscillations 
(standing accretion shock instability, 
SASI) enhance efficiency of neutrino 
heating and revive the shock.

Recent reviews: Janka (2017). Mirizzi, Tamborra et al. (2016). 



20 M      Supernova Simulation, Garching groupsun



Fingerprints of the Explosion Mechanism 

Tamborra et al., PRL (2013),  PRD (2014). Andresen et al., MNRAS (2017). Kuroda et al., ApJ (2017). 
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Figure 1. GW amplitudes A+ and A⇥ as functions of time after core bounce. From the top: s27, s20, s20s, and s11, respectively. The two columns show
the amplitudes for two di↵erent viewing angles: an observer situated along the z-axis (pole; left) and an other observer along the x-axis (equator; right) of
the computational grid, respectively. Episodes of strong SASI activity occur between the vertical red lines; dashed and solid lines are used for model s27 to
distinguish between two di↵erent SASI episodes.

significantly after the Si/O shell interface has crossed the shock.
The decreasing accretion rate leads to shock expansion, and shock
revival occurs around 300 ms post bounce.

• G27-2D: In order to compare our results to those of a rela-
tivistic 2D simulation of the SASI-dominated s27 model, we also
reanalyse the 2D model G27-2D presented by Müller et al. (2013),
which was simulated with coconut-vertex (Müller et al. 2010). co-

conut (Dimmelmeier et al. 2002, 2005) uses a directionally-unsplit
implementation of the piecewise parabolic method (with an approx-
imate Riemann solver) for general relativistic hydrodynamics in
spherical polar coordinates. The metric equations are solved in the
extended conformal flatness approximation (Cordero-Carrión et al.
2009). The model was simulated with an initial grid resolution of
400 ⇥ 128 zones in r and ✓, with the innermost 1.6 km being sim-
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• Black hole forming collapses up to 20-40% of total (low-mass progenitors can also lead to 
black hole formation).


• Neutrinos (and gravitational waves) may be the only probes revealing the black hole 
formation.      

Black Hole Formation
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• Search for disappearance of red supergiants 

(27 galaxies within 10 Mpc with Large Binocular Telescope).


• First 7 years of survey: 

6 successful core-collapse, 1 candidate failed supernova.

Georg Raffelt, MPI Physics, Munich Supernova Neutrinos, ISAPP 2017, 13–24 June 2017 

Death Watch for a Million Supergiants 

• Monitoring 27 galaxies within 10 Mpc for many years
• Visit typically twice per year
• 106 supergiants (lifetime 106  years)
• Combined SN rate: about 1 per year

First 7 years of survey: 
• 6 successful core-collapse SNe
• 1 candidate failed SN

Gerke, Kochanek & Stanek, arXiv:1411.1761 
Adams, Kochanek, Gerke, Stanek (& Dai), arXiv:1610.02402 (1609.01283) 

Large Binocular Telescope 
Mt Graham, Arizona  Candidate failed SN

Failed core-collapse fraction: 4-43% (90% CL)

A Survey About Nothing

Adams et al., MNRAS (2017), MNRAS (2017). Gerke, Kochanek & Stanek, MNRAS (2015). Kochanek et al., ApJ (2008). 
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Neutrinos interact among themselves.

Neutrino Flavor Conversion in Dense Media

Recent review: Tamborra & Shalgar, Ann. Rev. Nucl. Part. Sci. (2021). Richers & Sen, arXiv: 2207.03561.



Neutrino Quantum Kinetics

Matter term 

[MSW resonant conversion] [neutrino self-interactions]

interaction term⌫ � ⌫

Georg Raffelt, MPI Physics, Munich Neutrino Astrophysics and Fundamental Properties, INT, Seattle, June 2015 

Symmetry Assumptions 
Neutrino transport and flavor oscillations: 7D problem 
 

     𝜕𝑡 + 𝑣 ⋅ 𝛻𝑥 + 𝐹 ⋅ 𝛻𝑝  𝜌 𝑡, 𝑥 , 𝑝 = −𝑖 𝐻 𝑡, 𝑥 , 𝑝 , 𝜌 𝑡, 𝑥 , 𝑝 + 𝒞[𝜌 𝑡, 𝑥 , 𝑝 ] 

Ignore collision term: 
Free streaming 

Ignore external forces 
(e.g. no grav. deflection) 

Includes vacuum, matter, 
nu-nu refraction 

• Homogeneous, isotropic system evolving in time (“early universe”) 
   or 1D homogeneous evolving in time (“colliding beams”) 
 

      𝜕𝑡𝜌 𝑡, 𝐸 = −𝑖 𝐻 𝑡, 𝐸 , 𝜌 𝑡, 𝐸  

• Stationary, spherically symmetric, evolving with radius (“supernova”) 
 

     𝑣𝑟𝜕𝑟𝜌 𝑟, 𝐸, 𝜃 = −𝑖 𝐻 𝑟, 𝐸, 𝜃 , 𝜌 𝑟, 𝐸, 𝜃  

Zenith angle of nu momentum 𝑝  
Radial velocity depends on 𝜃, leads to multi-angle matter effect  

• Ordinary differential equations in “time” or “radius” with maximal symmetries 
 

• Misses dominant solutions (spontaneous symmetry breaking) 

Collision term  
External forces 

(negligible)
Vacuum term


Full neutrino transport + flavor oscillations = 7D problem!

Challenging problem:


• Stiff equations of motion, involving non-linear term (nu-nu interactions).


• Quantities changing on very different time scales involved. 

Density Matrix  



with the Hamiltonian defined as

i �̇E,� = [HE,�, �E,�] i ˙̄�E,� = [H̄E,�, �̄E,�]and

vacuum term
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The Hamiltonian for antineutrinos has the vacuum term with opposite sign.

[neutrino self-interactions]
interaction term⌫ � ⌫

If we assume to have a stationary, spherically symmetric supernova, then

Equations of Motion, an Example



Supernova envelope

 -sphere ⌫

Matter-neutrino 
interactions

Shock wave

Neutrino-neutrino 
interactions

Neutrino-neutrino 
interactions

80 km 200 km 1500 km

Does Flavor Conversion Affect Supernova Mechanism?



 Ehring, Abbar, Janka, Raffelt, Tamborra, PRL (2023). Ehring, Abbar, Janka, Raffelt, Tamborra, PRD (2023). 

 Nagakura, PRL (2023).

• Parametric implementation of flavor conversion in hydrodynamical simulations highlights 
non-trivial feedback on SN physics.


• Flavor conversion aids the explosion for low mass progenitors (9-12 Msun) and hinders 
explosion of higher-mass models (20 Msun).

Does Flavor Conversion Affect Supernova Mechanism?
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FIG. 1. Angle-averaged shock radii (top) and PNS radii (bottom; defined at ⇢ = 1011 g cm�3) vs. post-bounce time for the
indicated models. Black solid lines: Models noFC (no flavor conversions). Colored solid lines: Instantaneous FFCs for ⇢ < ⇢c

as labelled in the legend. The unsteady motion of the average shocks with contraction and expansion phases is caused by the
violent large-scale convective mass flows in the neutrino heated gain layer behind the CCSN shock. The sudden growth of rshock

(small at ⇠100ms for M9.0-2D and prominent at ⇠70ms for M11.2-2D and at ⇠220ms for M20.0-2D) signals a decrease of
mass accretion rate due to the arrival of the Si/O interface. For the noFC models, we also show the angle-averaged gain radius
(dashed black) and the mean radii for ⇢ = 109 and 1010 g cm�3 (dash-dotted and dotted black lines lines, respectively), all
smoothed with 10ms running averages. For the 9.0 and 11.2M� progenitors, FFCs support an earlier onset of the explosion,
whereas for 20.0M� they thwart it and the shock recedes even more rapidly.

els. We further assume that FFCs lead to complete flavor
equilibrium under the constraints of lepton number con-
servation, in particular also of electron neutrino lepton
number, as well as energy and total momentum conser-
vation, and with respecting the Pauli exclusion principle.
Our algorithm, defined in Eqs. (9), (10), (14), and (15)
of Ref. [27], is applied after each time step in each spa-
tial cell where ⇢ < ⇢c. Some recent studies have focused
on the asymptotic FFC state [30]. We stress that our
recipe leads to a converged state: it does not change if
the algorithm is applied twice.

Our simulations were evolved in 1D until 5ms pb (post
bounce) and then mapped onto a 2D polar coordinate
grid consisting of 640 logarithmically spaced radial zones
and 80 equidistant lateral ones. The central 2 km core
was still calculated in 1D, permitting larger time steps,
yet having negligible influence on the hydrodynamic evo-
lution. During the mapping, a random cell-by-cell per-
turbation of 0.1% of the local density was applied to seed
the hydrodynamic instabilities, which otherwise would
develop only due to uncontrolled numerical noise.

We selected three progenitors with di↵erent zero-age
main-sequence masses. One is the 20M� model [31] that
we used in our previous 1D study [27]. In addition, we
investigated a 9M� [32] and 11.2M� model [33]. The
9M� star consistently explodes in multi-D simulations,
although in some more quickly and about twice as ener-

getically [6, 8, 34] than in others [29, 35, 36]. The 11.2M�
model is less ready to blow up, exhibiting a delayed and
slow onset of shock expansion [37–40]. In contrast, the
20M� star failed to explode in most multi-D simulations
[29, 35, 41, 42].
The convention for naming our simulations follows our

previous one [27], supplemented with a numerical value
for the stellar mass: M9.0-2D-xxx, M11.2-2D-xxx, and
M20.0-2D-xxx. Here xxx is a placeholder for either noFC
(“no flavor conversion”) or for the FFC threshold density.
We implement ⇢c = 109 g cm�3, ..., 1014 g cm�3 in steps
of factors of 10, corresponding to xxx = 1e09, ..., 1e14.
Results.—In our previous 1D simulations [27] of the

20M� progenitor we found that FFCs caused a faster
and stronger shock contraction than without FFCs for all
threshold densities ⇢c and for all times (except for ⇢c =
1010 g cm�3 during a short period of about 70ms around
100ms pb). This finding suggested that FFCs tend to
hinder shock revival and neutrino-driven explosions, and
this conclusion is confirmed in 2D for the 20M� star
(Fig. 1).
However, our 9 and 11.2M� progenitors demonstrate

that this is not generally the case (Fig. 1). Including
FFCs, in particular for ⇢c = 109, 1010, 1011 g cm�3, yields
significantly earlier explosions. The main explanation is
a higher net heating rate per nucleon (qgain) for at least
⇠100ms pb. The increased qgain causes a persistently
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recipe leads to a converged state: it does not change if
the algorithm is applied twice.

Our simulations were evolved in 1D until 5ms pb (post
bounce) and then mapped onto a 2D polar coordinate
grid consisting of 640 logarithmically spaced radial zones
and 80 equidistant lateral ones. The central 2 km core
was still calculated in 1D, permitting larger time steps,
yet having negligible influence on the hydrodynamic evo-
lution. During the mapping, a random cell-by-cell per-
turbation of 0.1% of the local density was applied to seed
the hydrodynamic instabilities, which otherwise would
develop only due to uncontrolled numerical noise.

We selected three progenitors with di↵erent zero-age
main-sequence masses. One is the 20M� model [31] that
we used in our previous 1D study [27]. In addition, we
investigated a 9M� [32] and 11.2M� model [33]. The
9M� star consistently explodes in multi-D simulations,
although in some more quickly and about twice as ener-

getically [6, 8, 34] than in others [29, 35, 36]. The 11.2M�
model is less ready to blow up, exhibiting a delayed and
slow onset of shock expansion [37–40]. In contrast, the
20M� star failed to explode in most multi-D simulations
[29, 35, 41, 42].
The convention for naming our simulations follows our

previous one [27], supplemented with a numerical value
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M20.0-2D-xxx. Here xxx is a placeholder for either noFC
(“no flavor conversion”) or for the FFC threshold density.
We implement ⇢c = 109 g cm�3, ..., 1014 g cm�3 in steps
of factors of 10, corresponding to xxx = 1e09, ..., 1e14.
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and stronger shock contraction than without FFCs for all
threshold densities ⇢c and for all times (except for ⇢c =
1010 g cm�3 during a short period of about 70ms around
100ms pb). This finding suggested that FFCs tend to
hinder shock revival and neutrino-driven explosions, and
this conclusion is confirmed in 2D for the 20M� star
(Fig. 1).
However, our 9 and 11.2M� progenitors demonstrate

that this is not generally the case (Fig. 1). Including
FFCs, in particular for ⇢c = 109, 1010, 1011 g cm�3, yields
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Figure 6. Core collapse supernova rate density: (Left Panel) Comparison of the predictions of the rate density of core-collapse supernovae assuming either a
Salpeter-like IMF (green dashed curve) or a varying IMF (blue solid curve) with observational data as a function of redshift. See Fig. 4 for discussion of features
at I = 0.5, I = 1.0, I = 1.1, I = 1.2, and I = 2.0. (Right Panel) Rate of supernovae in each of the galaxy morphologies we consider. Here, blue corresponds to
spiral galaxies, while green corresponds to spheroidal starburst galaxies. Again, dashed lines correspond to Salpeter-like IMFs, while solid lines correspond to
the varying IMF.

Figure 7. Fraction of black hole forming collapses: The fraction of super-
novae that result in black holes, rather than neutron stars. For the Salpeter-like
IMF, approximately 21% of stellar collapses lead to black hole formation (this
fraction is assumed to be constant as a function of the redshift for simplic-
ity), while for the varying IMF, this fraction depends on redshift, reaching
approximately 35% at I = 3.

of the DTD would be necessary to place meaningful constraints on
either IMF model.

3.5 Di�use Supernova Neutrino Background

Finally, in addition to directly observing of supernova rates, we can
look to the neutrinos supernovae produce in order to estimate their
rate, and therefore potentially probe the IMF. Despite being rela-
tively rare in any individual galaxy, supernovae are quite common
throughout the Universe. Combining this with the fact that a single
CCSN produces an immense number of neutrinos (approximately
1058 (Burrows & Vartanyan 2021; Mirizzi et al. 2016)) leads to the
emergence of a background of neutrinos that is isotropic and nearly
constant in time. This neutrino flux is commonly named the di�use

Figure 8. Type Ia supernova rate density: We compare the rate density of
type Ia supernovae, assuming either a Salpeter-like IMF (green dashed) or
varying IMF as described in the text (blue), to a selection of observed data.
See Fig. 4 for discussion of features at I = 0.5, I = 1.0, I = 1.1, I = 1.2, and
I = 2.0. Predictions of the supernova rate depend on a poorly constrained
delay time distribution, and by increasing the overall normalization of this
DTD by a factor of 2 (still within 1f uncertainties), we can increase the
varying IMF result from the blue solid curve to the blue dot-dashed curve.

supernova neutrino background (DSNB) (Bisnovatyi-Kogan & Sei-
dov 1984; Krauss et al. 1984; Wilson et al. 1986; Beacom 2010;
Lunardini 2016; Mirizzi et al. 2016).

Only in recent years have experiments begun to approach the
sensitivity necessary to directly observe the DSNB (Malek et al.
2003; Bays et al. 2012; Zhang et al. 2015; Abe et al. 2022, 2021;
Li et al. 2022). While no signal has yet been detected, the enrich-
ment of Super-Kamiokande (SK) with gadolinium (Beacom & Va-
gins 2004; Horiuchi et al. 2009) and the future proposed and planned
experiments such as Hyper-Kamiokande (HK), JUNO, Jinping, and
THEIA (An et al. 2016; Beacom et al. 2017; Abe et al. 2018; Sawatzki
et al. 2021; Li et al. 2022) are expected to have enough sensitivity

MNRAS 000, 1–14 (2022)
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Figure 9. Di�use supernova neutrino background flux: (Left Panel) We compare the predicted DSNB ā4 flux, assuming either a Salpeter-like (green dashed)
or varying IMF (blue solid) with the region probed by SK (hatched) (Abe et al. 2021). The red shaded region indicates the range of energies that could be
observable by SK with the addition of gadolinium. The di�erent IMFs might have an impact on the observed DSNB flux only at low energies, and it would be
di�cult to distinguish this di�erence against background neutrino sources. (Right Panel) We show the DSNB broken down into contributions from di�erent
redshift bins for the varying IMF. Because the emitted neutrinos are redshifted, distant supernovae only contribute significantly at low energies.

appear in the low-energy DSNB region (around 20 MeV). Variations
to the star formation histories, for example, could yield compara-
ble di�erences between DSNB predictions (Singh & Rentala 2021;
Kresse et al. 2021), which will be degenerate with di�erences due
to variations of the IMF. Furthermore, additional uncertainties in the
DSNB flux which may appear, independent of the choice of IMF,
include the unknown fraction of high-mass stars that evolve to black
holes and the neutrino spectra emitted during this evolution (Lu-
nardini 2009; Horiuchi et al. 2018; Kresse et al. 2021), the precise
normalization of the CCSN rate (Horiuchi et al. 2011; Mathews et al.
2014), the evolution of neutrino flavors in the dense medium en-
countered during supernovae (Duan et al. 2010; Chakraborty et al.
2016; Tamborra & Shalgar 2021), and any possible stellar binary
interactions (Horiuchi et al. 2021). To partially account for these un-
certainties in the following subsection 3.5.2, we include a systematic
uncertainty of 50% in our calculations of the discriminating power
of the detectors to the Varying IMF.

3.5.2 Expected Sensitivities of Super-Kamiokande and
Hyper-Kamiokande

Although no detection of the DSNB has yet been made, the strongest
constraints come from the SK experiment (Bays et al. 2012; Abe et al.
2021). In 2019, upgrades to SK began which allowed for the introduc-
tion of gadolinium into the SK tank by 2021. The gadolinium doping
will make the detection of electron antineutrinos significantly easier,
which will subsequently improve our ability to detect neutrinos from
the DSNB (Beacom & Vagins 2004). As a result, it is expected that
a positive measurement of the DSNB will be observed in the near
future (Li et al. 2022).

Figure 10 shows the predicted accumulated DSNB flux after 10
years of operation of HK (3740 kton yr exposure) compared to its
respective neutrino backgrounds, where we assume a concentration
of 0.1% GdCl3 in water. The blue solid (green dashed) line depicts
the combined neutrino flux from both the DSNB and background
sources, where we calculate the DSNB flux using a varying IMF
(Salpeter-like IMF). Sources of background neutrinos that we con-

Figure 10. Di�use supernova neutrino background rate: ā4 DSNB event
rates in HK enriched with gadolinium detectors for 10 yrs of data taking. The
sum of the ā4 DSNB event rate plus background rate for the Varying IMF
(Salpeter-like) is plotted with solid blue (dashed green) line. The backgrounds
rates are depicted as grey regions, and the error bars reflect the ±1f statistic
uncertainties. As discussed in the main text, while SK cannot distinguish the
two investigated IMF scenarios, HK might present a low significance hint
towards a particular scenario. Note that we do not show other astrophysical
uncertainties (e.g., errors on the SFR and uncertainty in the neutrino flux
modeling), but partially account for this with a systematic uncertainty (see
main text for details).

sider include atmospheric charged-current events, invisible muons,
9Li spallation, and reactor antineutrinos (Abe et al. 2018, 2021).

We can use a simple �j2 Pearson test to estimate the detection
prospects of distinguishing between the varying IMF and Salpeter-
like IMF. In both SK (225 kton yr exposure with 0.1% GdCl3) and
HK, the two IMFs are not distinguishable at the 3f level, even after 10
years of data collection. Furthermore, in SK, the two models remain
indistinguishable at the 1f level. However, in HK, the varying and
Salpeter-like IMFs are distinguishable at the 1.3f level. This marks

MNRAS 000, 1–14 (2022)
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Figure 3. Components of the DSNB flux spectrum, d�/dE, of electron antineutrinos arriving on Earth with energy E for the

case of our fiducial model (Z9.6&W18; M lim

NS,b =2.7M�; best-fit ↵). In the left panel, solid lines correspond to the contributions

from ECSNe (light), successful iron-core SNe (medium), and failed SNe (dark) to the total DSNB flux (dashed line). The right

panel shows the flux originating from di↵erent redshift intervals (light to dark for increasing redshift). To guide the eye, the

approximate detection window of (10 � 30)MeV is bracketed by shaded vertical bands.

Table 2. DSNB ⌫̄e-flux contributions.

(0 � 10)MeV (10 � 20)MeV (20 � 30)MeV (30 � 40)MeV (0 � 40)MeV

Total DSNB Flux (⌫̄e) 22.7 cm�2s�1 5.4 cm�2s�1 0.6 cm�2s�1 0.1 cm�2s�1 28.8 cm�2s�1

ECSNe 2.6% 1.2% 0.5% 0.2% 2.3%

Iron-Core SNe 57.1% 51.8% 37.5% 23.9% 55.6%

Failed SNe 40.3% 47.0% 62.0% 75.8% 42.1%

0 6 z 6 1 28.3% 67.4% 88.7% 95.8% 37.2%

1 6 z 6 2 40.7% 29.3% 11.0% 4.2% 37.8%

2 6 z 6 3 19.0% 3.1% 0.3% < 0.1% 15.6%

3 6 z 6 4 10.0% 0.4% < 0.1% < 0.1% 7.9%

4 6 z 6 5 2.8% < 0.1% < 0.1% < 0.1% 2.2%

Note—Top row: Total DSNB flux of ⌫̄e for our fiducial model (Z9.6&W18; M lim

NS,b =2.7M�; best-fit ↵),

integrated over di↵erent energy intervals. Second to fourth row: Relative contributions from the various

source types (ECSNe/iron-core SNe/failed SNe with BH formation). Rows 5–9: Relative contributions

from di↵erent redshift intervals (see also Figure 3).

spectrum is shown by a black dashed line. This value is
much lower than the ⇠10% suggested by Mathews et al.
(2014) as they assumed a considerably wider ZAMS
mass range, (8 � 10)M�, compared to (8.7 � 9)M� ap-
plied in our work (see Jones et al. 2013; Doherty et al.
2015). Above 15MeV, the contribution of ECSNe ac-
counts for even less than 1% due to its more rapidly
declining spectrum (remember the low mean energy of
11.6MeV, as mentioned in Section 2). However, since
the exact mass window of ECSNe is still unclear (see,
e.g., Poelarends et al. 2008; Jones et al. 2013; Doherty
et al. 2015; Jones et al. 2016; Kirsebom et al. 2019; Zha
et al. 2019; Leung et al. 2020) and other sources such
as ultrastripped SNe, AIC, and MIC events might con-

tribute to the DSNB flux with source spectra similar
to those of ECSNe, we will consider an enhanced “low-
mass” component in Section 5.2.
“Conventional” iron-core SNe and failed SNe possess

comparable integrated fluxes (16.0 cm�2s�1 and 12.1
cm�2s�1) in case of our fiducial model as shown in Fig-
ure 3, yet with distinctly di↵erent spectral shapes. Be-
low ⇠15MeV, the contribution from successful explo-
sions is higher, whereas failed explosions dominate the
flux at high energies due to their generally harder spec-
tra (see bottom panel of Figure 2). This was pointed out
by previous works (e.g., Lunardini 2009; Keehn & Lu-
nardini 2012; Nakazato 2013; Priya & Lunardini 2017)
and can also be seen in Table 2, where we list the rela-



Figure from Harada et al., ApJ Lett. (2023). 
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Compact Binary Mergers
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Figure credit: B. Metzger.
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Compact Mergers vs. Supernovae
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Neutrino Emission Properties

Mergers exhibit excess of antineutrinos over neutrinos (conversely to supernovae). 

Neutron star merger remnant
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Figure 4. Time evolution of spherically averaged neutrino emission prop-
erties (laboratory frame) for the 11.2 M� model. Top: Energy loss rates,
integrated over all directions, for ⌫e, ⌫̄e, and (one kind of) ⌫x. Bottom: Mean
energies, averaged over all directions. These results do not show any pecu-
liarities and are similar to comparable 1D and 2D simulations.

tios of energy-loss rates to number-loss rates.
This figure reveals the usual behavior during the postbounce

accretion phase (compare, e.g., with results by Marek & Janka
2009; Marek, Janka, & Müller 2009; Janka et al. 2012).
Ė⌫e after the shock-breakout burst is very close to Ė⌫̄e or even
slightly larger, while h✏⌫̄ei exceeds h✏⌫ei by a few MeV. Heavy-
lepton neutrinos have significantly lower individual luminosi-
ties because their production in the accretion layer of the PNS
is less e�cient due to the lack of charged-current processes,
and h✏⌫x

i is only slightly larger than h✏⌫̄ei because energy trans-
fers in neutrino-nucleon scatterings reduce the high-energy
spectrum of ⌫x di↵using outward from their deeper produc-
tion layers (Ra↵elt 2001; Keil, Ra↵elt, & Janka 2003).

Here as well as in the following discussion we mostly fo-
cus on the 11.2 M� star. This has two reasons. On the one
hand, the 11.2 M� model does not possess the violent SASI
episodes which massively a↵ect the neutrino-emission prop-
erties in the 20 and 27 M� cases (Tamborra et al. 2013, 2014;
Hanke et al. 2013), where they lead to time-dependent vari-
ations of the neutrino transport and radiation, superimposed
on the hemispheric asymmetry of the lepton-number emis-
sion dipole (Fig. 3). Such short-time fluctuations can ham-
per the easy visibility of the LESA-specific features. On the
other hand, outside of the SASI episodes diagnostic quantiti-
ties that we evaluate for the lepton-emission dipole in the 20
and 27 M� models look, qualitatively and quantitatively, very
similar to those that we present in more detail for the 11.2 M�

case. This will be shown in Fig. 12.

Figure 5. Time evolution of the ⌫e, ⌫̄e, and heavy-lepton neutrino (⌫x) num-
ber fluxes (top to bottom) relative to their directional averages for the 11.2 M�

model. We show hemispheric averages (accounting for projection e↵ects; see
text) as seen by distant observers who are located approximately in the direc-
tion of maximal lepton-number emission (black), in the opposite direction
(red) and in a representative transverse direction (dashed blue). The ⌫e and ⌫̄e
fluxes each exhibit a strong dipolar asymmetry, (anti-)aligned with the lepton-
number flux dipole, whereas the ⌫x flux is nearly isotropic except for a small
enhancement in the hemisphere of smallest lepton-number flux (red line).

3.3. Other flux asymmetries

The LESA phenomenon is a conspicuous order-unity ef-
fect of the directional lepton-number flux variation, but also
shows up in other quantities, notably in the directional varia-
tion of the individual ⌫e and ⌫̄e fluxes. To illustrate this point
we show in Fig. 5 these number fluxes as they would be seen
by a distant observer relative to their directional averages. We
use three viewing directions oriented relative to the lepton-
number dipole axis, i.e., an observer located in the direction of
maximal lepton-number flux (black lines), the opposite direc-
tion of minimal lepton-number flux (red lines), and a typical
direction transverse to the dipole axis (dashed blue lines).

A distant observer measures the integrated intensity over
a hemisphere of the radiating NS surface, projected on the
viewing direction. The corresponding “averaging” over the
visible hemisphere eliminates small-scale variations. To eval-
uate the observational quantities we follow the procedure de-
scribed in Sect. 3.1 of Müller, Janka, & Wongwathanarat
(2012) and in Appendix A of Tamborra et al. (2014) and cal-
culate the observable flux, here the number-flux N, from the
ray-by-ray-computed number-flux densities, Fn(R), at points
R on the radiating surface by an integration over the visible
hemisphere, cf. Eq. (7) in Müller, Janka, & Wongwathanarat

Figures from Wu, Tamborra et al., PRD (2017), Tamborra et al., PRD (2014).



Neutrino signal from mergers is more luminous and shorter than SN neutrino signal. 

Detection Prospects

Figure credit: Kyutoku & Kashiyama, PRD (2018).

Poor detection chances due to compact merger distribution (1 event/80Mt years in Hyper-K). 
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Solving Eq. (7), we finally obtain

P = 80Mt years

⇥
✓
fall

0.5

◆�1 ✓
E�t

3⇥ 1052 erg

◆�1 ✓ hEi
10MeV

◆�1

⇥
✓

De↵

200Mpc

◆�1 ✓ R
1Mpc�3 Myr�1

◆�1

, (8)

where fall ⌘ fEfsefoscf⌦, as a waiting time for a single
detection of thermal neutrinos from binary-neutron-star
mergers with probability ⇡ 63%. If the observation pe-
riod is taken to be xP , detection probability is modified
to ⇡ 1 � e

�x. For example, x = 2, 1/2, and 1/4 give
rise to detection probability of ⇡ 86%, 39%, and 22%,
respectively. Here, E�t and hEi should be regarded as
values averaged over astrophysical populations of binary
neutron stars. The meaning of factors f is summarized
in Table II. We note that the number of mergers dur-
ing 80 years is ⇡ 2700 and that the expected number of
nearby mergers at . 3Mpc is less than 0.01. As we de-
scribe in detail in Sec. IV, focusing on�tobs ⇡ 1 s reduces
the length of data from neutrino detectors by a factor of
2700 s/80 years ⇡ 10�6 compared to a blind search, dra-
matically suppressing contamination from other sources.

The period given by Eq. (8) is not very short but in
the human time scale for a ⇠ 1Mt detector. As a ref-
erence, Hyper-Kamiokande is expected to achieve mag-
nificent 0.37Mt (although originally 0.56Mt) in the near
future, and another Hyper-Kamiokande is planned to be
built in Korea with 0.26Mt [49]. One benchmark for the
acceptable waiting time is provided by Galactic super-
novae, which are expected to occur once in 30–100 years.
Therefore, the detection of thermal neutrinos from bi-
nary neutron stars may be as likely as that from Galac-
tic supernovae, whereas the number of neutrino events
are drastically di↵erent. Another (but related) di↵er-
ence is that binary-neutron-star mergers will be observed
steadily by gravitational waves, while a Galactic super-
nova is intrinsically rare (see also Ref. [25]). Further-
more, the prospect for constraining the neutrino mass
can be higher for binary-neutron-star mergers than for
supernovae due to longer distances as we will describe in
Sec. VB.

In this estimation as well as in Eq. (6), we made sev-
eral assumptions on astrophysical inputs such as the total
energy, typical energy, spectrum, and merger rate. The
most important assumption may be that remnant mas-
sive neutron stars do not collapse before sizable emission
of neutrinos, and this is what we would like to verify by
detecting thermal neutrinos. The total energy is uncer-
tain by a factor of order unity even within a long-lived
remnant scenario and also depends on the duration of
each observation, which we assume to be �tobs ⇡ 1 s.
The typical energy is also uncertain by a factor of ⇡ 2.
Spectral deformation is likely to be a minor correction
that can be absorbed in the variation of fE (see Table
I). While the merger rate is highly uncertain even after
the discovery of GW 170817, the fiducial value adopted
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FIG. 1. Detection probability of a single thermal neutrino as
a function of time for various detector volumes. The wait-
ing time is normalized to our fiducial merger rate of binary
neutron stars. Other parameters are taken to be our fiducial
values shown in Eq. (8). The horizontal dotted line indicates
1� e

�1 = 63%.

here is on the conservative side (note also that this value
was denoted as “realistic” in Ref. [20]). In any case, the
merger rate will be understood in the near future by on-
going gravitational-wave observations. If some of these
parameters conspire, the waiting time, P , could be short-
ened by a factor of & 5.

Ultimately, a large e↵ective volume of water- or ice-
Cherenkov detectors is highly desired to increase the like-
lihood for detecting thermal neutrinos. Figure 1 shows
the detection probability of a single thermal neutrino
as a function of time for various detector volumes with
our fiducial parameters. The e↵ective volume can be in-
creased not only by a large detector but also by additional
detectors such as Hyper-Kamiokande in Korea. It is
conceivable that a more-than-M-ton detector like Deep-
TITAND [26] and MICA [27] can be constructed within
30–100 years considered in our strategy. The waiting time
can be reduced to less than 10 years with MT & 8Mt
for our fiducial parameters, and then detections of ther-
mal neutrinos from multiple binary-neutron-star mergers
(although one for each) could become possible within a
realistic operating time of telescopes. For example, Bak-
san Underground Scintillation Telescope has been run-
ning longer than 30 years [54]. Even for such a large
detector, and in fact irrespective of the detector volume,
�tobs ⇡ 1 s has to be chosen to detect thermal neutrinos
from binary-neutron-star mergers with high significance
as we discuss below.



Matter-Neutrino Resonance

New flavor conversion effects, not present in SNe. F⌫̄ > F⌫
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Matter-Neutrino Resonance

Figure from Malkus et al., PRD (2012).
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FIG. 2: Single Disk Model: All flavors of neutrinos and antineutrinos are emitted from a disk of the same size.
The neutrino and antineutrino temperatures differ, as in Table I. The horizontal axis in all plots is progress along

the neutrino trajectory in cm. Fig. 2a: Potentials entering Hamiltonian from electrons as in Eq. 4 and from
neutrinos as in Eq. 12 in the absence of oscillation. All other plots: The top panel shows the flux weighted electron
neutrino survival probability, 〈P 〉 in red solid lines, and the flux weighted electron antineutrino survival probability,
〈

P̄
〉

, in dashed amber line. In the bottom panel, we show the relative capture rates of the electron neutrinos and
antineutrinos. The relative capture rate of the neutrinos is a ratio of the electron neutrino capture rate when

oscillations are taken into account, λνe to the electron neutrino capture rate when oscillations are not present, λ0
νe ,

and is shown as the dark blue line. The relative electron antineutrino capture rate is the analogous ratio, λν̄e/λ
0
ν̄e ,

which we show in a light blue dashed line. Fig. 2b: No mu or tau neutrinos are emitted from the disk. Fig. 2c: Mu
and tau neutrino fluxes are rescaled; f0=0.35 relative to their blackbody fluxes. Fig. 2d: Mu and tau neutrino fluxes

are rescaled; f0=0.75

We now look at our numerical calculations to see if the transitions indeed occur. The results of these calculations
are shown in Figs. 2b, 2c and 2d. If there are no mu or tau neutrinos and antineutrinos, the transition results in flux
weighted survival probability for electron neutrinos dropping to nearly zero and the flux weighted survival probability
of electron antineutrinos returning to nearly one, as in Fig. 2b. This is the characteristic behavior of a standard
MNR described in [19]. The relative capture rates of electron neutrinos are shown in solid dark blue and electron
antineutrinos are shown in light dashed blue lines in the lower panel. Because no mu or tau neutrinos are present
initially, these relative capture rates track closely to the weighted survival probabilities.
Increasing the initial amount of mu and tau neutrinos by a small amount has little effect on the survival probabilities,

but a significant effect on the capture rates. This can be seen in Fig. 2c where a small quantity of mu and tau neutrinos
are now emitted from the disk. The number flux of each of these types of neutrinos and neutrinos is slightly under
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neutrino survival probability, 〈P 〉 in red solid lines, and the flux weighted electron antineutrino survival probability,
〈
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〉

, in dashed amber line. In the bottom panel, we show the relative capture rates of the electron neutrinos and
antineutrinos. The relative capture rate of the neutrinos is a ratio of the electron neutrino capture rate when

oscillations are taken into account, λνe to the electron neutrino capture rate when oscillations are not present, λ0
νe ,

and is shown as the dark blue line. The relative electron antineutrino capture rate is the analogous ratio, λν̄e/λ
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which we show in a light blue dashed line. Fig. 2b: No mu or tau neutrinos are emitted from the disk. Fig. 2c: Mu
and tau neutrino fluxes are rescaled; f0=0.35 relative to their blackbody fluxes. Fig. 2d: Mu and tau neutrino fluxes
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We now look at our numerical calculations to see if the transitions indeed occur. The results of these calculations
are shown in Figs. 2b, 2c and 2d. If there are no mu or tau neutrinos and antineutrinos, the transition results in flux
weighted survival probability for electron neutrinos dropping to nearly zero and the flux weighted survival probability
of electron antineutrinos returning to nearly one, as in Fig. 2b. This is the characteristic behavior of a standard
MNR described in [19]. The relative capture rates of electron neutrinos are shown in solid dark blue and electron
antineutrinos are shown in light dashed blue lines in the lower panel. Because no mu or tau neutrinos are present
initially, these relative capture rates track closely to the weighted survival probabilities.
Increasing the initial amount of mu and tau neutrinos by a small amount has little effect on the survival probabilities,
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Because of anti-nu excess, the nu-nu 
potential enters in resonance with the 
matter one. 



Once iron is formed, multiple neutron captures 
enable the formation of heavier elements.

Since many neutrons are available, neutron 
capture occurs rapidly (rapid neutron capture 
process). 

+ ⌫e pe�n +

+p n+⌫̄e e+

How Are Elements> Fe Produced 

in Supernovae and Mergers?

Figure credits: A. C. Phillips, The Physics of Stars, 2nd Edition (Wiley, 1999).
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Diagnosing BH formation with kilonovae 3445

Fortunately, NSMs are also accompanied by coincident elec-
tromagnetic (EM) signals that inform physical processes at work
during the merger (e.g. Metzger & Berger 2012; Kelley, Mandel
& Ramirez-Ruiz 2013; Piran, Nakar & Rosswog 2013). One such
counterpart is a thermal IR/optical transient powered by the ra-
dioactive decay of heavy elements synthesized in the merger ejecta
(a ‘kilonova’; Li & Paczyński 1998; Metzger et al. 2010; Goriely,
Bauswein & Janka 2011; Roberts et al. 2011; Piran et al. 2013;
Grossman et al. 2014; Tanaka et al. 2014). Kilonovae are partic-
ularly promising EM counterparts because (1) their generation is
relatively robust, requiring only a modest amount of unbound ejecta;
(2) their signal is independent of the existence of a dense surround-
ing external medium; and (3) unlike a GRB, kilonovae are relatively
isotropic. A candidate kilonova was recently detected following the
GRB 130603B (Berger, Fong & Chornock 2013; Tanvir et al. 2013).

If the merger ejecta is sufficiently neutron-rich for r-process
nucleosynthesis to reach the Lanthanides (A ! 139), the optical
opacity becomes much higher than that of iron-group elements
(Kasen, Badnell & Barnes 2013), resulting in emission that is redder,
dimmer, and more slowly evolving (Barnes & Kasen 2013; Tanaka
& Hotokezaka 2013). Although such unusually red colours may be
beneficial in distinguishing NSM transients from unrelated astro-
physical sources, the current lack of sensitive wide-field infrared
telescopes could make EM follow-up across the large sky error re-
gions provided by Advanced LIGO/Virgo even more challenging
(e.g. Hanna, Mandel & Vousden 2014; Kasliwal & Nissanke 2013;
Metzger, Kaplan & Berger 2013; Nissanke, Kasliwal & Georgieva
2013).

The matter ejected dynamically following an NSM is likely to be
sufficiently neutron rich (as quantified by the electron fraction Ye "
0.3) to produce a red kilonova (e.g. Rosswog 2005; Duez et al. 2010;
Bauswein, Goriely & Janka 2013b). Dynamical expulsion is not the
only source of ejecta, however. A robust consequence of the merger
process is the formation of a remnant torus surrounding the central
HMNS. Outflows from this accretion disc over longer, viscous time-
scales also contribute to the merger ejecta (e.g. Metzger, Quataert &
Thompson 2008a; Surman et al. 2008; Dessart et al. 2009; Lee,
Ramirez-Ruiz & López-Cámara 2009; Metzger, Piro & Quataert
2008b; Wanajo & Janka 2012). The more isotropic geometry of
disc winds suggests that they may contribute a distinct component
to the kilonova light curve for most viewing angles (Barnes & Kasen
2013; Grossman et al. 2014).

Fernández & Metzger (2013a, hereafter FM13) calculated the
viscous evolution of remnant BH accretion discs formed in NSMs
using two-dimensional, time-dependent hydrodynamical simula-
tions. Over several viscous times, FM13 found that a frac-
tion ∼several per cent of the initial disc mass is ejected as a moder-
ately neutron-rich wind (Ye ∼ 0.2) powered by viscous heating and
nuclear recombination. Although the higher entropy of the outflow
as compared to the dynamical ejecta results in subtle differences
in composition (e.g. a small quantity of helium), the disc outflows
likely produce Lanthanide elements with sufficient abundance to
result in a similarly red kilonova as with the dynamical ejecta.

FM13 included the effects of self-irradiation by neutrinos on
the dynamics and composition of the disc. Due to the relatively
low accretion rate and radiative efficiency at the time of the peak
outflow, neutrino absorption had a sub-dominant contribution to the
disc evolution. This hierarchy is important because a large neutrino
flux tends to drive Ye to a value higher than that in the disc mid-
plane (e.g. Metzger et al. 2008a; Surman et al. 2008, 2014). If
neutrino irradiation is sufficient to drive Ye ! 0.3−0.4, the nuclear
composition of the disc outflows would be significantly altered,

Figure 1. Relation between the observed kilonova and the properties of the
ejecta that powers it. Material ejected dynamically in the equatorial plane
is highly neutron rich (Ye < 0.1), producing heavy r-process elements that
include Lanthanides. This results in emission that peaks in the near-infrared
and lasts for ∼1 week (‘late red bump’) due to the high opacity. Outflows
from the remnant disc are more isotropic and also contribute to the kilonova.
If the HMNS is long-lived, then neutrino irradiation can increase Ye to a
high enough value (Ye ∼ 0.4) that no Lanthanides are formed, resulting
in emission peaking at optical wavelengths (‘early blue bump’). If BH
formation is prompt, outflows from the disc remain neutron rich, and their
contribution is qualitatively similar to that of the dynamical ejecta.

resulting in a distinct additional component visible in the kilonova
emission.

By ignoring the influence of a central HMNS, FM13 implic-
itly assumed a scenario in which BH formation was prompt or the
HMNS lifetime very short. Here, we extend the study of FM13 to
include the effects of neutrino irradiation from a long-lived HMNS.
As we will show, the much larger neutrino luminosity of the HMNS
has a profound effect on the quantity and composition of the disc
outflows, allowing a direct imprint of the HMNS lifetime on the
kilonova (Fig. 1). As in FM13, our study includes many approxi-
mations that enable us to follow the secular evolution of the system.
We focus here on exploring the main differences introduced by the
presence of an HMNS, and leave more extensive parameter space
studies or realistic computations for future work.

The paper is organized as follows. In Section 2, we describe the
numerical model employed. Our results are presented in Section 3,
separated into dynamics of the outflow (Section 3.1) and composi-
tion (Section 3.2). A summary and discussion follows in Section 4.
Appendix A describes in more detail the upgrades to the neutrino
physics implementation relative to that of FM13.

2 N U M E R I C A L M O D E L

Our numerical model largely follows that described in FM13. Here,
we summarize the essential modifications needed to model the pres-
ence of an HMNS.

2.1 Equations and numerical method

We use FLASH3.2 (Dubey et al. 2009) to solve the time-dependent
hydrodynamic equations in two-dimensional, axisymmetric
spherical geometry. Source terms include the pseudo-Newtonian
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  Figures taken from: Metzger & Fernandez, MNRAS (2014); Kasen et al., Nature 2017.
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& Ramirez-Ruiz 2013; Piran, Nakar & Rosswog 2013). One such
counterpart is a thermal IR/optical transient powered by the ra-
dioactive decay of heavy elements synthesized in the merger ejecta
(a ‘kilonova’; Li & Paczyński 1998; Metzger et al. 2010; Goriely,
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Grossman et al. 2014; Tanaka et al. 2014). Kilonovae are partic-
ularly promising EM counterparts because (1) their generation is
relatively robust, requiring only a modest amount of unbound ejecta;
(2) their signal is independent of the existence of a dense surround-
ing external medium; and (3) unlike a GRB, kilonovae are relatively
isotropic. A candidate kilonova was recently detected following the
GRB 130603B (Berger, Fong & Chornock 2013; Tanvir et al. 2013).

If the merger ejecta is sufficiently neutron-rich for r-process
nucleosynthesis to reach the Lanthanides (A ! 139), the optical
opacity becomes much higher than that of iron-group elements
(Kasen, Badnell & Barnes 2013), resulting in emission that is redder,
dimmer, and more slowly evolving (Barnes & Kasen 2013; Tanaka
& Hotokezaka 2013). Although such unusually red colours may be
beneficial in distinguishing NSM transients from unrelated astro-
physical sources, the current lack of sensitive wide-field infrared
telescopes could make EM follow-up across the large sky error re-
gions provided by Advanced LIGO/Virgo even more challenging
(e.g. Hanna, Mandel & Vousden 2014; Kasliwal & Nissanke 2013;
Metzger, Kaplan & Berger 2013; Nissanke, Kasliwal & Georgieva
2013).

The matter ejected dynamically following an NSM is likely to be
sufficiently neutron rich (as quantified by the electron fraction Ye "
0.3) to produce a red kilonova (e.g. Rosswog 2005; Duez et al. 2010;
Bauswein, Goriely & Janka 2013b). Dynamical expulsion is not the
only source of ejecta, however. A robust consequence of the merger
process is the formation of a remnant torus surrounding the central
HMNS. Outflows from this accretion disc over longer, viscous time-
scales also contribute to the merger ejecta (e.g. Metzger, Quataert &
Thompson 2008a; Surman et al. 2008; Dessart et al. 2009; Lee,
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2008b; Wanajo & Janka 2012). The more isotropic geometry of
disc winds suggests that they may contribute a distinct component
to the kilonova light curve for most viewing angles (Barnes & Kasen
2013; Grossman et al. 2014).

Fernández & Metzger (2013a, hereafter FM13) calculated the
viscous evolution of remnant BH accretion discs formed in NSMs
using two-dimensional, time-dependent hydrodynamical simula-
tions. Over several viscous times, FM13 found that a frac-
tion ∼several per cent of the initial disc mass is ejected as a moder-
ately neutron-rich wind (Ye ∼ 0.2) powered by viscous heating and
nuclear recombination. Although the higher entropy of the outflow
as compared to the dynamical ejecta results in subtle differences
in composition (e.g. a small quantity of helium), the disc outflows
likely produce Lanthanide elements with sufficient abundance to
result in a similarly red kilonova as with the dynamical ejecta.

FM13 included the effects of self-irradiation by neutrinos on
the dynamics and composition of the disc. Due to the relatively
low accretion rate and radiative efficiency at the time of the peak
outflow, neutrino absorption had a sub-dominant contribution to the
disc evolution. This hierarchy is important because a large neutrino
flux tends to drive Ye to a value higher than that in the disc mid-
plane (e.g. Metzger et al. 2008a; Surman et al. 2008, 2014). If
neutrino irradiation is sufficient to drive Ye ! 0.3−0.4, the nuclear
composition of the disc outflows would be significantly altered,

Figure 1. Relation between the observed kilonova and the properties of the
ejecta that powers it. Material ejected dynamically in the equatorial plane
is highly neutron rich (Ye < 0.1), producing heavy r-process elements that
include Lanthanides. This results in emission that peaks in the near-infrared
and lasts for ∼1 week (‘late red bump’) due to the high opacity. Outflows
from the remnant disc are more isotropic and also contribute to the kilonova.
If the HMNS is long-lived, then neutrino irradiation can increase Ye to a
high enough value (Ye ∼ 0.4) that no Lanthanides are formed, resulting
in emission peaking at optical wavelengths (‘early blue bump’). If BH
formation is prompt, outflows from the disc remain neutron rich, and their
contribution is qualitatively similar to that of the dynamical ejecta.

resulting in a distinct additional component visible in the kilonova
emission.

By ignoring the influence of a central HMNS, FM13 implic-
itly assumed a scenario in which BH formation was prompt or the
HMNS lifetime very short. Here, we extend the study of FM13 to
include the effects of neutrino irradiation from a long-lived HMNS.
As we will show, the much larger neutrino luminosity of the HMNS
has a profound effect on the quantity and composition of the disc
outflows, allowing a direct imprint of the HMNS lifetime on the
kilonova (Fig. 1). As in FM13, our study includes many approxi-
mations that enable us to follow the secular evolution of the system.
We focus here on exploring the main differences introduced by the
presence of an HMNS, and leave more extensive parameter space
studies or realistic computations for future work.

The paper is organized as follows. In Section 2, we describe the
numerical model employed. Our results are presented in Section 3,
separated into dynamics of the outflow (Section 3.1) and composi-
tion (Section 3.2). A summary and discussion follows in Section 4.
Appendix A describes in more detail the upgrades to the neutrino
physics implementation relative to that of FM13.

2 N U M E R I C A L M O D E L

Our numerical model largely follows that described in FM13. Here,
we summarize the essential modifications needed to model the pres-
ence of an HMNS.

2.1 Equations and numerical method

We use FLASH3.2 (Dubey et al. 2009) to solve the time-dependent
hydrodynamic equations in two-dimensional, axisymmetric
spherical geometry. Source terms include the pseudo-Newtonian
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FIG. 7. Left panel: Abundance distributions as functions of the atomic mass number of elements synthesized in the ejected
material in models m1, m1mix1, m1mix1f, m1mix2, and m1mix3 measured at t = 1 d after the birth of the disk. The imprint
of flavor conversions is most visible in the enhanced abundances of lanthanides. Right panel: Kilonova signal powered by
radioactive heating of synthesized material for models m1 (dashed lines) and m1mix1 (solid lines) estimated using spherically
averaged ejecta properties. The top panel shows the bolometric luminosities (black) and e↵ective heating rates (including
thermalization; grey), the bottom panel depicts AB magnitudes in selected bands. Flavor conversions induce more powerful
heating but also higher opacities, causing the peak emission to take place with nearly the same luminosity but for an extended
period of time.

always below 10GK, we start the evolution at the time
t = 0 corresponding to the start of the hydrodynamic
simulation. As anticipated from the previously found re-
duction of Ye in the ejecta, flavor conversions enhance
the production of nearly all r-process elements, while the
largest relative increase (of up to a factor of ⇠ 2 depend-
ing on the model) is observed for the lanthanides. Not
surprisingly, for di↵erent models the size of the impact
of flavor conversions on the mass fractions scales pretty
well with the size of the impact on Ye, i.e. models with
smaller reduction of Ye exhibit a milder increase of XLA

etc.
In order to assess the impact on the kilonova light

curves, we use the trajectories and results from the nu-
cleosynthesis analysis, assume constant velocities beyond
r = 109 cm, and construct spherically symmetric dis-
tributions of mass, heating rates, mass fractions of lan-
thanides plus actinides, and mean atomic mass numbers
as functions of velocity (as was also done in Ref. [38]).
We then plug these data into the spherically symmet-
ric version of the scheme described in Ref. [137], which
solves the radiative transfer equations in the M1 approxi-
mation using simplified, parametrized opacities (see [137]
for technical details of the solver). The right panels of
Fig. 7 provide the results for the two models m1 (dashed
lines) and m1mix1 (solid lines), namely the radioactive
heating rates powering the light curve and bolometric lu-
minosities (top panel) and the broadband magnitudes for
selected frequency bands (bottom panel).

The kilonova is a↵ected in two ways by the modi-

fied nucleosynthesis pattern in models with flavor oscil-
lations: First, the radioactive heating rates are boosted
at 3 <

⇠ t <⇠ 20 d by several tens of percent mostly as a
consequence of the increased abundance of 2nd-peak ele-
ments, which dominate the heating rates during this pe-
riod of time. The second e↵ect is given by the increased
opacities, which mainly result from the higher abundance
of lanthanides. Since the second e↵ect to some extent
counteracts the first e↵ect, the light curve in the model
with flavor conversions is barely more luminous until the
plateau-like peak epoch at about t ⇡ 10 d than in the
model without conversions. After the plateau the light
curve decays more slowly and reaches the asymptotic be-
havior (given by the radioactive heating rate) several
days later. The broadband light curves exhibit similar
di↵erences between both models. Overall, the impact of
fast flavor conversions on the kilonova predicted by our
models is noticeable mostly in the duration of the high-
luminosity emission.

C. Model dependence

In this section we examine the sensitivity of the find-
ings of the previous section to variations of the flavor-
mixing prescription, the chosen threshold for the onset
of flavor instabilities, the disk mass, and to replacing the
↵-viscosity with an MHD treatment.
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always below 10GK, we start the evolution at the time
t = 0 corresponding to the start of the hydrodynamic
simulation. As anticipated from the previously found re-
duction of Ye in the ejecta, flavor conversions enhance
the production of nearly all r-process elements, while the
largest relative increase (of up to a factor of ⇠ 2 depend-
ing on the model) is observed for the lanthanides. Not
surprisingly, for di↵erent models the size of the impact
of flavor conversions on the mass fractions scales pretty
well with the size of the impact on Ye, i.e. models with
smaller reduction of Ye exhibit a milder increase of XLA

etc.
In order to assess the impact on the kilonova light

curves, we use the trajectories and results from the nu-
cleosynthesis analysis, assume constant velocities beyond
r = 109 cm, and construct spherically symmetric dis-
tributions of mass, heating rates, mass fractions of lan-
thanides plus actinides, and mean atomic mass numbers
as functions of velocity (as was also done in Ref. [38]).
We then plug these data into the spherically symmet-
ric version of the scheme described in Ref. [137], which
solves the radiative transfer equations in the M1 approxi-
mation using simplified, parametrized opacities (see [137]
for technical details of the solver). The right panels of
Fig. 7 provide the results for the two models m1 (dashed
lines) and m1mix1 (solid lines), namely the radioactive
heating rates powering the light curve and bolometric lu-
minosities (top panel) and the broadband magnitudes for
selected frequency bands (bottom panel).

The kilonova is a↵ected in two ways by the modi-

fied nucleosynthesis pattern in models with flavor oscil-
lations: First, the radioactive heating rates are boosted
at 3 <

⇠ t <⇠ 20 d by several tens of percent mostly as a
consequence of the increased abundance of 2nd-peak ele-
ments, which dominate the heating rates during this pe-
riod of time. The second e↵ect is given by the increased
opacities, which mainly result from the higher abundance
of lanthanides. Since the second e↵ect to some extent
counteracts the first e↵ect, the light curve in the model
with flavor conversions is barely more luminous until the
plateau-like peak epoch at about t ⇡ 10 d than in the
model without conversions. After the plateau the light
curve decays more slowly and reaches the asymptotic be-
havior (given by the radioactive heating rate) several
days later. The broadband light curves exhibit similar
di↵erences between both models. Overall, the impact of
fast flavor conversions on the kilonova predicted by our
models is noticeable mostly in the duration of the high-
luminosity emission.

C. Model dependence

In this section we examine the sensitivity of the find-
ings of the previous section to variations of the flavor-
mixing prescription, the chosen threshold for the onset
of flavor instabilities, the disk mass, and to replacing the
↵-viscosity with an MHD treatment.

Just, Abbar, Wu, Tamborra, Janka, Capozzi, PRD (2022). Wu, Tamborra, Just, Janka, PRD (2017). Wu & Tamborra, PRD (2017). Padilla-Gay, Shalgar, 
Tamborra, JCAP (2021). George, Wu, Tamborra, Ardevol-Pulpillo, Janka, PRD (2020). Li & Siegel, PRL (2021). Fernandez, Richers et al., PRD (2022).

Flavor conversion affects the cooling of the disk and enhances synthesis of elements with 
A>130 by a factor 2-3.
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always below 10GK, we start the evolution at the time
t = 0 corresponding to the start of the hydrodynamic
simulation. As anticipated from the previously found re-
duction of Ye in the ejecta, flavor conversions enhance
the production of nearly all r-process elements, while the
largest relative increase (of up to a factor of ⇠ 2 depend-
ing on the model) is observed for the lanthanides. Not
surprisingly, for di↵erent models the size of the impact
of flavor conversions on the mass fractions scales pretty
well with the size of the impact on Ye, i.e. models with
smaller reduction of Ye exhibit a milder increase of XLA

etc.
In order to assess the impact on the kilonova light

curves, we use the trajectories and results from the nu-
cleosynthesis analysis, assume constant velocities beyond
r = 109 cm, and construct spherically symmetric dis-
tributions of mass, heating rates, mass fractions of lan-
thanides plus actinides, and mean atomic mass numbers
as functions of velocity (as was also done in Ref. [38]).
We then plug these data into the spherically symmet-
ric version of the scheme described in Ref. [137], which
solves the radiative transfer equations in the M1 approxi-
mation using simplified, parametrized opacities (see [137]
for technical details of the solver). The right panels of
Fig. 7 provide the results for the two models m1 (dashed
lines) and m1mix1 (solid lines), namely the radioactive
heating rates powering the light curve and bolometric lu-
minosities (top panel) and the broadband magnitudes for
selected frequency bands (bottom panel).

The kilonova is a↵ected in two ways by the modi-

fied nucleosynthesis pattern in models with flavor oscil-
lations: First, the radioactive heating rates are boosted
at 3 <

⇠ t <⇠ 20 d by several tens of percent mostly as a
consequence of the increased abundance of 2nd-peak ele-
ments, which dominate the heating rates during this pe-
riod of time. The second e↵ect is given by the increased
opacities, which mainly result from the higher abundance
of lanthanides. Since the second e↵ect to some extent
counteracts the first e↵ect, the light curve in the model
with flavor conversions is barely more luminous until the
plateau-like peak epoch at about t ⇡ 10 d than in the
model without conversions. After the plateau the light
curve decays more slowly and reaches the asymptotic be-
havior (given by the radioactive heating rate) several
days later. The broadband light curves exhibit similar
di↵erences between both models. Overall, the impact of
fast flavor conversions on the kilonova predicted by our
models is noticeable mostly in the duration of the high-
luminosity emission.

C. Model dependence

In this section we examine the sensitivity of the find-
ings of the previous section to variations of the flavor-
mixing prescription, the chosen threshold for the onset
of flavor instabilities, the disk mass, and to replacing the
↵-viscosity with an MHD treatment.

Neutrinos and Nucleosynthesis



Summary

• Neutrinos play a fundamental role in the supernova explosion mechanism. 


• Neutrino flavor conversion in compact astrophysical sources is not understood yet.


• Neutrinos provide information on supernova properties and trigger multi-messenger 
detection.


• The diffuse supernova neutrino background will allow us to investigate the supernova 
population.


• Neutrinos have an impact on the synthesis of the heavy elements in compact binary 
mergers and disk cooling rate.
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